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Fig. 12.— The relative normalization φ∗ of the UV LF at various
redshifts based on sources from the CANDELS-North (open red
circles), CANDELS-South (open blue squares), CANDELS-UDS
(open green triangles), CANDELS-COSMOS (magenta crosses),
CANDELS-EGS (open black pentagons), and BORG/HIPPIES
(solid cyan square) fields versus redshift (§4.6). In deriving the
relative normalization φ∗ of the LF from the individual CANDELS
fields, we fix the characteristic luminosity M∗ and faint-end slope
α to the value derived based on our entire search area and fit for
φ∗. The plotted 1σ uncertainty estimates are calculated assuming
Poissonian uncertainties based on the number of sources in each
field and allowing for small (∼10%) systematic errors in the cal-
culated selection volumes field-to-field. Specific search fields show
a significantly higher surface density of candidate galaxies at spe-
cific redshifts than other search fields (e.g., the CANDELS-EGS
and CANDELS-North fields show a higher surface density of z ∼ 7
candidates than the CANDELS South or CANDELS-UDS fields).

Fig. 13.— SWML determinations of the UV LFs at z ∼ 10
(magenta points and 1σ upper limits) compared to those at lower
redshifts (see caption to Figure 4). Also shown are our Schechter
fits to the z ∼ 10 LF (magenta line: see §4.6). The dotted magenta
line shows the LF we would expect extrapolating the z ∼ 4-8 LF
results to z ∼ 10 using the fitting formula we derive in §5.1. We
note a slight deficit of fainter (MUV,AB ! −19.5) z ∼ 10 candidates
relative to the predictions from the fitting formula we present in
§5.1, in agreement with the earlier findings of Oesch et al. (2012a)
and Oesch et al. (2013).

tic luminosity M∗ and faint-end slope α for galaxies at
a given redshift fixed. The best-fit values for φ∗ we de-
rive for sources in each field relative to that found for all
fields is shown in Figure 12 for sources in all five samples
considered here. Bouwens et al. (2007) previously at-
tempted to quantify the differences in surface densities of
z ∼ 4, z ∼ 5, and z ∼ 6 sources over GOODS North and
GOODS South (see also Bouwens et al. 2006 and Oesch
et al. 2007). Uncertainties on the value of φ∗ in a field rel-
ative to the average of all search fields is calculated based
on the number of sources in each field assuming Poisso-
nian uncertainties, allowing for small (∼10%) systematic
errors in the calculated selection volumes field-to-field.
While the volume density of high-redshift candidates

in most wide-area fields does not differ greatly (typically
varying "20% field-to-field), there are still sizeable dif-
ferences present for select samples field-to-field. One of
the largest deviations from the cosmic average occurs
for z ∼ 7 galaxies over the EGS field where the volume
density appears to be almost double what it is over the
CANDELS-South, COSMOS, or UDS fields, for exam-
ple. The CANDELS North also shows a similar excess
at z ∼ 7 and z ∼ 8 relative to these other fields (see
also Finkelstein et al. 2013). The relative surface density
of z ∼ 4, z ∼ 5, and z ∼ 6 candidates over the GOODS
North and South fields are similar to what Bouwens et al.
(2007) found previously (see Table B1 from that work),
with the GOODS South field showing a slight excess in
z ∼ 4 and z ∼ 6 candidates relative to the North and
the GOODS North field showing an excess of z ∼ 5 can-
didates.
Generally however, the observed field-to-field varia-

tions are well within the expected∼20% variations in vol-
ume densities for the large volumes probed in the present
high-redshift samples.

4.6. z ∼ 10 LF Results

We also took advantage of our large search areas to
set constraints on the UV LF at z ∼ 10. Only a small
number of z ∼ 10 candidates were found, but they still
provide, along with the upper limits, a valuable addi-
tion to the z ∼ 4-8. In doing so, we slightly update the
recent LF results of Oesch et al. (2014) to consider the
additional search area provided by the CANDELS-UDS,
CANDELS-COSMOS, and CANDELS-EGS fields.
Due to the fact that the majority of our search fields

contain zero z ∼ 10 candidates, we cannot use these fields
to constrain the shape of the LF, making the SWML and
STY fitting techniques less appropriate. In such cases,
it can be useful to simply derive the UV LF assuming
that the source counts are Poissonian-distributed (given
that field-to-field variations will be smaller than the very
large Poissonian uncertainties). One then maximizes the
likelihood of both the stepwise and model LFs by com-
paring the observed surface density of z ∼ 10 candidates
with the expected surface density of z ∼ 10 in the same
way as we have done before (e.g., Bouwens et al. 2008).
Figure 13 shows the constraints we derive on the step-

wise LF at z ∼ 10 based on the present searches (the
z ∼ 10 results are also provided in Table 3). A 1-mag
binning scheme is used, given the very small number of
z ∼ 10 candidates in the present search. Also included
on Figure 13 is our best-fit Schechter function at z ∼ 10.
For the latter fit, we fix the characteristic luminosity
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(open green triangles), CANDELS-COSMOS (magenta crosses),
CANDELS-EGS (open black pentagons), and BORG/HIPPIES
(solid cyan square) fields versus redshift (§4.6). In deriving the
relative normalization φ∗ of the LF from the individual CANDELS
fields, we fix the characteristic luminosity M∗ and faint-end slope
α to the value derived based on our entire search area and fit for
φ∗. The plotted 1σ uncertainty estimates are calculated assuming
Poissonian uncertainties based on the number of sources in each
field and allowing for small (∼10%) systematic errors in the cal-
culated selection volumes field-to-field. Specific search fields show
a significantly higher surface density of candidate galaxies at spe-
cific redshifts than other search fields (e.g., the CANDELS-EGS
and CANDELS-North fields show a higher surface density of z ∼ 7
candidates than the CANDELS South or CANDELS-UDS fields).

Fig. 13.— SWML determinations of the UV LFs at z ∼ 10
(magenta points and 1σ upper limits) compared to those at lower
redshifts (see caption to Figure 4). Also shown are our Schechter
fits to the z ∼ 10 LF (magenta line: see §4.6). The dotted magenta
line shows the LF we would expect extrapolating the z ∼ 4-8 LF
results to z ∼ 10 using the fitting formula we derive in §5.1. We
note a slight deficit of fainter (MUV,AB ! −19.5) z ∼ 10 candidates
relative to the predictions from the fitting formula we present in
§5.1, in agreement with the earlier findings of Oesch et al. (2012a)
and Oesch et al. (2013).

tic luminosity M∗ and faint-end slope α for galaxies at
a given redshift fixed. The best-fit values for φ∗ we de-
rive for sources in each field relative to that found for all
fields is shown in Figure 12 for sources in all five samples
considered here. Bouwens et al. (2007) previously at-
tempted to quantify the differences in surface densities of
z ∼ 4, z ∼ 5, and z ∼ 6 sources over GOODS North and
GOODS South (see also Bouwens et al. 2006 and Oesch
et al. 2007). Uncertainties on the value of φ∗ in a field rel-
ative to the average of all search fields is calculated based
on the number of sources in each field assuming Poisso-
nian uncertainties, allowing for small (∼10%) systematic
errors in the calculated selection volumes field-to-field.
While the volume density of high-redshift candidates

in most wide-area fields does not differ greatly (typically
varying "20% field-to-field), there are still sizeable dif-
ferences present for select samples field-to-field. One of
the largest deviations from the cosmic average occurs
for z ∼ 7 galaxies over the EGS field where the volume
density appears to be almost double what it is over the
CANDELS-South, COSMOS, or UDS fields, for exam-
ple. The CANDELS North also shows a similar excess
at z ∼ 7 and z ∼ 8 relative to these other fields (see
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of z ∼ 4, z ∼ 5, and z ∼ 6 candidates over the GOODS
North and South fields are similar to what Bouwens et al.
(2007) found previously (see Table B1 from that work),
with the GOODS South field showing a slight excess in
z ∼ 4 and z ∼ 6 candidates relative to the North and
the GOODS North field showing an excess of z ∼ 5 can-
didates.
Generally however, the observed field-to-field varia-

tions are well within the expected∼20% variations in vol-
ume densities for the large volumes probed in the present
high-redshift samples.

4.6. z ∼ 10 LF Results

We also took advantage of our large search areas to
set constraints on the UV LF at z ∼ 10. Only a small
number of z ∼ 10 candidates were found, but they still
provide, along with the upper limits, a valuable addi-
tion to the z ∼ 4-8. In doing so, we slightly update the
recent LF results of Oesch et al. (2014) to consider the
additional search area provided by the CANDELS-UDS,
CANDELS-COSMOS, and CANDELS-EGS fields.
Due to the fact that the majority of our search fields

contain zero z ∼ 10 candidates, we cannot use these fields
to constrain the shape of the LF, making the SWML and
STY fitting techniques less appropriate. In such cases,
it can be useful to simply derive the UV LF assuming
that the source counts are Poissonian-distributed (given
that field-to-field variations will be smaller than the very
large Poissonian uncertainties). One then maximizes the
likelihood of both the stepwise and model LFs by com-
paring the observed surface density of z ∼ 10 candidates
with the expected surface density of z ∼ 10 in the same
way as we have done before (e.g., Bouwens et al. 2008).
Figure 13 shows the constraints we derive on the step-

wise LF at z ∼ 10 based on the present searches (the
z ∼ 10 results are also provided in Table 3). A 1-mag
binning scheme is used, given the very small number of
z ∼ 10 candidates in the present search. Also included
on Figure 13 is our best-fit Schechter function at z ∼ 10.
For the latter fit, we fix the characteristic luminosity
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Morphology of H II regions during reionization 1049
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Figure 3. Comparison of four radiative transfer simulations post-processed on the same density field, but using different source prescriptions parametrized by
Ṅ (m) = α(m) m. The white regions are ionized and the black are neutral. The left-hand panel, left centre panel, right centre panel and right-hand panels are,
respectively, cuts through Simulations S2 (α ∝ m−2/3), S1 (α ∝ m0), S3 (α ∝ m2/3) and S4 (α ∝ m0, but only haloes with m > 4 × 1010 M⊙ host sources). For
the top panels, the volume-ionized fraction is x̄i,V ≈ 0.2 (the mass-ionized fraction is x̄i,M ≈ 0.3) and z = 8.7. For the middle panels, x̄i,V ≈ 0.5(xi,M ≈ 0.6)
and z = 7.7, and for the bottom panels, x̄i,V ≈ 0.7(x̄i,M ≈ 0.8) and z = 7.3. Note that the S4 simulation outputs have the same x̄i,M , but x̄i,V that are typically
0.1 smaller than that of other runs. In S4, the source fluctuations are nearly Poissonian, resulting in the bubbles being uncorrelated with the density field
(x̄i,V ≈ x̄i,M ). Each panel is 94 Mpc wide and would subtend 0.6 degrees on the sky.
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Figure 4. The volume-weighted bubble radius PDF for the S1 (solid curves),
S3 (dot–dashed curves) and S4 (dotted curves) simulations. See the text for
our definition of the bubble radius R. We do not include curves for the
S2 simulation because they are similar to those for S1. The thin curves
are at z = 8.7 and x̄i,M = 0.3, and the thick curves are at z = 7.3 and
x̄i,M = 0.8. Simulation S4 has the rarest sources and the largest H II regions
of the four models.
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Figure 5. The ionization fraction power spectrum "xx (k)2 = k3 Pxx (k)/2π2

for the S1 (solid curves), S2 (dashed curves), S3 (dot–dashed curves) and S4
(dotted curves) simulations. For the top panels, x̄i,V ≈ 0.2(x̄i,M ≈ 0.3), for
the middle panels, x̄i,V ≈ 0.5(xi,M ≈ 0.6) and for the bottom panels, x̄i,V ≈
0.7(x̄i,M ≈ 0.8). In all panels, the fluctuations are larger at k ! 1 h Mpc−1

in S3 and S4 than they are in S1 and in S2. As the most massive haloes
contribute more of the ionizing photons, the ionization fraction fluctuations
increase at large scales.
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21cm	
  interferometry	
  probes	
  the	
  3D	
  
structure	
  of	
  the	
  EoR!!!	
  

•  A	
  powerful	
  discriminant	
  of	
  EoR	
  models:	
  a	
  factor	
  of	
  ~10	
  
varia(on	
  on	
  large	
  scales,	
  at	
  a	
  fixed	
  EoR	
  epoch!	
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How	
  to	
  quan(fy	
  what	
  we	
  will	
  learn??	
  

21CMMC	
  (Greig	
  &	
  AM	
  2015)	
  –	
  publicly-­‐available,	
  
massively-­‐parallelized	
  MCMC	
  driver	
  for	
  the	
  21-­‐
cm	
  simula(on	
  code	
  21cmFAST	
  (AM+2007,	
  2011)	
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Fig. 6. Comparison of the base ⇤CDM model parameter constraints from Planck temperature and polarization data.

and HFI 353 GHz maps as polarized synchrotron and dust tem-
plates, respectively. These cleaned maps form the polarization
part (“lowP’ ) of the low multipole Planck pixel-based likeli-
hood, as described in Planck Collaboration XI (2015). The tem-
perature part of this likelihood is provided by the Commander
component separation algorithm. The Planck low multipole like-
lihood retains 46 % of the sky in polarization and is completely
independent of the WMAP polarization likelihood. In combina-
tion with the Planck high multipole TT likelihood, the Planck
low multipole likelihood gives ⌧ = 0.078 ± 0.019. This con-
straint is somewhat higher than the constraint ⌧ = 0.067 ± 0.022
derived from the Planck low multipole likelihood alone (see
Planck Collaboration XI 2015, and also Sect. 5.1.2).

Following the 2013 analysis, we have used the 2015 HFI
353 GHz polarization maps as a dust template, together with the
WMAP K-band data as a template for polarized synchrotron
emission, to clean the low-resolution WMAP Ka, Q, and V
maps (see Planck Collaboration XI 2015, for further details). For
the purpose of cosmological parameter estimation, this dataset
is masked using the WMAP P06 mask that retains 73 % of
the sky. The noise-weighted combination of the Planck 353-
cleaned WMAP polarization maps yields ⌧ = 0.071 ± 0.013
when combined with the Planck TT information in the range
2  ` <⇠ 2508, consistent with the value of ⌧ obtained from
the LFI 70 GHz polarization maps. In fact, null tests described
in Planck Collaboration XI (2015) demonstrate that the LFI and
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The	
  full	
  power	
  of	
  21cm	
  is	
  to	
  reach	
  back	
  
into	
  the	
  infancy	
  of	
  galaxy	
  forma(on	
  

beyond	
  other	
  probes….	
  
	
  

Cosmic	
  Dawn	
  



spin	
  temperature	
  

IGM	
  Temperature	
  

Shortly	
  aRer	
  the	
  first	
  stars	
  turn	
  on,	
  the	
  pervasive	
  soR	
  UV	
  background	
  they	
  create	
  
couples	
  the	
  spin	
  temperature	
  to	
  the	
  kine>c	
  temperature	
  (so-­‐called	
  Lyα	
  pumping),	
  
even	
  in	
  the	
  diffuse	
  IGM:	
  

Ts	
  ~	
  Tk	
  

•  when	
  Ts	
  <	
  Tcmb	
  –	
  signal	
  is	
  seen	
  in	
  absorp>on	
  
•  when	
  Ts	
  >	
  Tcmb	
  –	
  signal	
  is	
  seen	
  in	
  emission	
  
•  when	
  Ts	
  >>	
  Tcmb	
  –	
  signal	
  does	
  not	
  care	
  about	
  the	
  temperature	
  



“Fiducial”	
  scenario:	
  the	
  IGM	
  is	
  heated	
  by	
  X-­‐rays	
  
from	
  HMXBs	
  before	
  reioniza(on	
  

McQuinn	
  &	
  O’Leary	
  (2012)	
  
see	
  also	
  Furlane9o	
  (2006),	
  
Mesinger+	
  (2013)	
  

4

to suppress cooling in halos with masses< 3.0×106 M⊙.5

X-ray heating: Another critical juncture occurred
when ρ̇SFR was sufficient for X-rays to have heated the
gas above the CMB temperature. Penetrating X-rays
are likely the most efficient mechanism for reheating the
IGM (Chen & Miralda-Escudé 2004). However, relat-
ing X-ray production to the star formation rate (SFR)
is more uncertain than relating ultraviolet emission to
SFR since X-ray production depends on the abundances
of X-ray binaries and supernovae. To do so, we follow
the methodology taken in Furlanetto (2006), using rela-
tions calibrated on low-redshift galaxies between X-ray
luminosity and the SFR. In particular, the critical SFR
density to heat the IGM with X-rays by the CMB tem-
perature is

[ρ̇SFR]X=4.0× 10−2Z5/2
20

(

tSFR
0.1 tH

)−1 (fX
0.2

)−1

(10)

×
(

LX/SFR

1040 erg s−1 M⊙
−1 yr

)−1

M⊙ yr−1 Mpc−3,

where fX is the fraction of energy that heats the IGM
(Shull & van Steenberg 1985), LX/SFR is the ∼ 0.1 −
2 keV luminosity per unit SFR, tSFR is the timescale
over which the emitting population had been active, and
tH = H(z)−1. Equation (11) evaluated LX/SFR at
1040 erg s−1 M⊙

−1 yr, which is a factor of ∼ 5 higher
than low redshift measurements for the same relation-
ship except between 2 − 10 keV (Grimm et al. 2003;
Mineo et al. 2011).6 Interestingly, there is no evidence
for evolution in the LX/SFR, even to z ≈ 6 (Cowie et al.
2011). Using the Sheth-Tormen mass function, the e-
folding time, [d log fcoll(mh)/dt]−1, is 0.11 and 0.06 of
a Hubble time at z = 20 for mh = 106 M⊙ and
mh = 108 M⊙, respectively.
Is it again possible for minihalos to have dominated

the X-ray reheating of the Universe? For our fiducial
parameters, JLW,21 would have been even larger by
a factor of 20 when [ρ̇SFR]X was satisfied than when
[ρ̇SFR]α was. Larger fX will reduce the resulting
JLW,21, making it more difficult for the Lyman-Werner
background to sterilize minihalos. However, X-rays
can also catalyze the formation of H2, combatting its
destruction via the Lyman-Werner background. We find
in models similar to Furlanetto (2006) that at [ρ̇SFR]X
the ionized fraction is increased by a factor of 10 over
the relic fraction from recombination. In the absence
of recombinations, 10 times more molecular hydrogen
will form such that a 10 times larger Lyman-Werner
background is required to yield the same H2 fraction.
This estimate of a factor of 10 is the upper bound on
how much JLW,21 can be increased, as the recombination
time is ∼ 1 Hubble time for virialized gas at z = 20 with

5 This estimate ignored the depletion of the Lyman-Werner back-
ground as these photons ionize the H2 in the mean IGM. This ad-
ditional absorption is estimated to contribute an optical depth of
1 − 2 (Ricotti et al. 2001), and density inhomogeneities will also
enhance the depth over these estimates.

6 The spectral index of the X-ray emission is uncertain, but
empirical determinations at low-redshifts are consistent with hav-
ing equal energy per log in frequency (Rephaeli et al. 1995;
Swartz et al. 2004). Low-z X-ray emission that traces star for-
mation is dominated by high mass X-ray binaries.

Fig. 1.— Model history of the gas temperature and spin temper-
ature (top panel) and of the mean 21cm brightness temperature
(bottom panel) for the parameters Nα = 104, fX = 1, f∗ = 0.02,
Nion = 4000, and fesc = 0.1, assuming that star formation traces
the mass in atomic cooling halos. The shaded regions qualita-
tively delineate the phases where different radiation backgrounds
drive the signal: first ultraviolet pumping, then X-ray heating, and
lastly Reionization. LEDA and DARE aim to constrain this signal
between 10 ! z ! 30.

the relic electron fraction.

Ionizations: The final effect that stars have on the
21cm signal is via their ionizations of intergalactic gas.
If a stellar population produces Nion ionizing photons
per stellar baryon, the critical SFR density required to
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where fesc is the fraction of ionizing photons that escape
from their sites of production into the IGM. The factor
fesc is highly uncertain and likely to be ≪ 1 (e.g.,
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varies at the factor of 2-level when changing assump-
tions regarding the metallicity and the IMF, at least for
empirically-determined IMFs. However, Pop III stars
with a top-heavy IMF are much more efficient producers
of ionizing photons, with Nion ≈ 40, 000 (Bromm et al.
2001).

Thus, we find [ρ̇SFR]α ≪ [ρ̇SFR]X ≪ [ρ̇SFR]ion in agree-
ment with Furlanetto (2006). In this ordering, radiation
from star formation first coupled the spin temperature to
the gas temperature such that the 21cm signal appears in
absorption. Next, radiation associated with star forma-
tion reheated the Universe, and, lastly, stellar radiation
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IGM (Chen & Miralda-Escudé 2004). However, relat-
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SFR since X-ray production depends on the abundances
of X-ray binaries and supernovae. To do so, we follow
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how much JLW,21 can be increased, as the recombination
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5 This estimate ignored the depletion of the Lyman-Werner back-
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ditional absorption is estimated to contribute an optical depth of
1 − 2 (Ricotti et al. 2001), and density inhomogeneities will also
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from their sites of production into the IGM. The factor
fesc is highly uncertain and likely to be ≪ 1 (e.g.,
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varies at the factor of 2-level when changing assump-
tions regarding the metallicity and the IMF, at least for
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with a top-heavy IMF are much more efficient producers
of ionizing photons, with Nion ≈ 40, 000 (Bromm et al.
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Ionizations: The final effect that stars have on the
21cm signal is via their ionizations of intergalactic gas.
If a stellar population produces Nion ionizing photons
per stellar baryon, the critical SFR density required to
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[ρ̇SFR]ion=4.4× 10−1 x̄i Z
3/2
20

(

tSFR
0.1 tH

)−1

×
(

fesc
0.1

Nion

4000

)−1

M⊙ yr−1 Mpc−3, (11)

where fesc is the fraction of ionizing photons that escape
from their sites of production into the IGM. The factor
fesc is highly uncertain and likely to be ≪ 1 (e.g.,
Kuhlen & Faucher-Giguere 2012), and Nion ≈ 4000 for
Z = 0.05Z⊙ Pop II stars with a Scalo initial mass
function (IMF; Barkana & Loeb 2001). This number
varies at the factor of 2-level when changing assump-
tions regarding the metallicity and the IMF, at least for
empirically-determined IMFs. However, Pop III stars
with a top-heavy IMF are much more efficient producers
of ionizing photons, with Nion ≈ 40, 000 (Bromm et al.
2001).

Thus, we find [ρ̇SFR]α ≪ [ρ̇SFR]X ≪ [ρ̇SFR]ion in agree-
ment with Furlanetto (2006). In this ordering, radiation
from star formation first coupled the spin temperature to
the gas temperature such that the 21cm signal appears in
absorption. Next, radiation associated with star forma-
tion reheated the Universe, and, lastly, stellar radiation
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is	
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  to	
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  it	
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  HMXBs:	
  



Observa(onal	
  evidence	
  of	
  IGM	
  pre-­‐hea(ng	
  
Preliminary	
  data	
  at	
  z=8.4	
  from	
  PAPER64:	
  

incoherently combine independent power spectrum measure-
ments made at different times and with different baseline
groups using the median statistic. As described in Section 5.4,

we bootstrap over all of these independent measurements, as
well as over the selection of baselines included in the power
spectrum analysis for each baseline group, in order to estimate

Figure 17. Absolute value of the cumulative mean (left) and median (right), as a function of number of modes of the power spectrum band power for k& modes
ranging from −0.49 (red) to h0.44 Mpc 1- (violet). Here, modes are defined as samples from different redundant baseline groups and LSTs. This Allen variance plot
shows modes averaging down as the square root of number of modes combined until a signal floor is reached. The difference in behavior between the mean and
median is an indication of outliers in the distribution of values, likely as a result of foreground contamination. We use the median in the estimation of the power
spectrum in Figure 18, along with a correction factor compensating for the difference between the mean and median in estimating variance.

Figure 18. Measured power spectrum (black dots with 2σ error bars) at z = 8.4 resulting from a 135 day observation with PAPER-64. The dashed vertical lines at
h0.6 Mpc 1- show the bounds of the delay filter described in Section 3.3. The predicted 2σ upper limit in the absence of the a celestial signal is shown in dashed cyan,

assuming T K500sys = . The triangles indicate 2 σ upper limits from GMRT (Paciga et al. 2011) (yellow) at z = 8.6, MWA (Dillon et al. 2014) at z = 9.5 (magenta),
and the previous PAPER upper limit (P14) at z = 7.7 (green). The magenta curve shows a predicted model 21 cm power spectrum at 50% ionization (Lidz
et al. 2008).
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Loeb 2013; Mesinger et al. 2014; though see also exploratory work
in Pritchard & Furlanetto 2007; Baek et al. 2010; Mesinger et al.
2013). The X-ray luminosity of the first galaxies5 regulates the tim-
ing of the heating epoch. However, the actual X-ray SED should
also be important in setting the signal, as the mean free path of X-
rays through the IGM, �X, has a very strong dependence on the
photon energy (e.g. Furlanetto et al. 2006; McQuinn 2012):

�X ⇡ 34 x̄�1
HI

„
EX

0.5 keV

«2.6 „
1 + z

15

«�2

comoving Mpc ,

(1)
where x̄HI is the mean neutral fraction of the IGM. Soft photons are
much more likely to be absorbed closer to the galaxies, while high
energy photons heat (or ionize) the IGM more uniformly. Indeed,
Mesinger et al. (2013) showed that if X-ray heating is dominated
by high-energy photons, the redshift evolution of the amplitude of
the large-scale 21cm power spectrum does not show an associated
pronounced peak. It is important to also note that because of this
strong energy dependence of �X, photons with energies

⇠

> 2 keV
effectively free-steam, barely interacting with the IGM; this makes
the soft X-ray SED much more relevant for the 21cm signal.

Observations show that the SED of local galaxies is more
complicated than is usually assumed in 21cm studies. Locally, the
hot ISM contributes significantly to the galaxy’s soft X-ray emis-
sion (e.g. Strickland et al. 2000; Grimes et al. 2005a; Owen & War-
wick 2009; Strickland et al. 2004a; Li & Wang 2013; see the review
in §7.1 of Mineo et al. 2012b). As an example, we note that using
Chandra, Mineo et al. (2012b) recently studied the diffuse emis-
sion in a local sample of 21 star-forming galaxies, finding sub-keV
thermal emission from the hot ISM in every galaxy in the sam-
ple. The stacked, bolometric soft-band (0.5–2 keV) luminosity per
star formation rate (SFR) of the thermal emission is comparable to
that from resolved sources, dominated by high mass X-ray bina-
ries (HMXBs) with much harder spectra (e.g. Gilfanov et al. 2004;
Mineo et al. 2012a).

In this paper we illustrate the impact of the X-ray SED of the
first galaxies on the 21cm power spectrum. We use simple mod-
els representative of dominant populations of either soft (corre-
sponding to the hot ISM) or hard (corresponding to HMXBs) X-
ray sources. To show the robustness of our results, we also vary the
X-ray luminosity per SFR (SED normalization) and the halo mass
which hosts the dominant galaxy population.

As this work was nearing completion, a related study was pub-
lished by Fialkov et al. (2014). The most important distinction be-
tween the two works is that our analysis is motivated by Chandra
observations of nearby star-forming galaxies, rather then a theoret-
ical model of HMXBs. Furthermore, our proof-of-concept focuses
on predicting qualitative trends which are robust to the many astro-
physical uncertainties.

This paper is organized as follows. In §2 we discuss pos-
sible contributions to the X-ray SED of high�z galaxies, plac-
ing them in the context of recent Chandra observations. In §3
we present our simulations of the cosmological 21cm signal. In
§4 we discuss our main results, showing how the SED has a

5 For convenience, we use the adjective “first” somewhat imprecisely, re-
ferring to the galaxies responsible for heating the IGM, which likely occurs
at z ⇠10–20 (see below). The very first galaxies could appear even ear-
lier (z ⇠ 30), though star formation inside these rare mini-halos is likely
insufficient to significantly heat the IGM (e.g. McQuinn & O’Leary 2012).
Nevertheless, our qualitative conclusions are not affected by the precise red-
shift at which the relevant galaxies appear (see below).

robust imprint in the 21cm signal. Finally, we conclude in §5.
Unless stated otherwise, we quote all quantities in comoving
units. Throughout, we adopt recent Planck cosmological parame-
ters (Planck Collaboration et al. 2013): (⌦

m

, ⌦⇤, ⌦
b

, h, n
s

, �8) =

(0.32, 0.68, 0.049, 0.67, 0.96, 0.83).

2 X-RAYS FROM THE FIRST GALAXIES

As we do not know the X-ray SEDs of high-redshift, z > 10,
galaxies6 we are forced to make educated guesses, motivated by
observations of low-z (z

⇠

<
4) galaxies. In the local Universe, ac-

tive galactic nuclei (AGN) dominate the X-ray background (XRB;
e.g. Moretti et al. 2012). However at high-redshifts (z

⇠

>
5; e.g.

Haardt & Madau 2012; Fragos et al. 2013), the contribution of
AGN to the X-ray background should become sub-dominant to that
of end products of stellar evolution, accreting gas from companion
stars. These are characterized by the masses of their donor stars,
and comprise HMXBs, intermediate mass X-ray binaries (IMXBs),
low mass X-ray binaries (LMXBs), cataclysmic variables and ac-
tive binaries. However, the characteristic timescales of all but the
HMXBs are longer than the Hubble time at the very high redshifts
of interest. Furthermore, the bolometric7 X-ray luminosity of lo-
cal, star-forming galaxies is found to be dominated by resolved
HMXBs (e.g. Grimm et al. 2003; Ranalli et al. 2003; Swartz et al.
2004a; Persic & Rephaeli 2007; Lehmer et al. 2010; Swartz et al.
2011; Walton et al. 2011; Mineo et al. 2012a). For these reasons,
many studies of early IGM heating focus on HMXBs as the primary
source of X-rays in star-forming galaxies (e.g. Furlanetto 2006;
Pritchard & Furlanetto 2007; Mesinger et al. 2011; Santos et al.
2011; though see, e.g., Valdés et al. 2013 and Evoli et al., in prep.
for more exotic models in which heating can be dominated by an-
nihilating dark matter).

On the other hand, the hot ISM could contribute a significant
amount of soft X-rays. Heated by supernovae (SNe) explosions
and winds to temperatures of 106�7 K, this hot plasma emits X-
rays through a combination of thermal bremsstrahlung and metal
line cooling. It is diffuse and more spatially extended than the
point sources discussed above. Its presence is typically detected
in normal star-forming galaxies and starbursts (e.g Strickland et al.
2000, 2004b; Grimes et al. 2005b; Mineo et al. 2012b; Li & Wang
2013), as well as in high-resolution ISM simulations of the first,
atomically-cooled galaxies (e.g. Wise et al. 2012; Aykutalp et al.,
in prep). The contribution of soft emission from the hot ISM to the
X-ray heating epoch has not been considered previously.

Below we take HMXBs and the hot ISM as the two potential
sources of X-ray emission from the first galaxies. In nearby galax-
ies, the total luminosity of both of these sources is observed to be
proportional to the galaxy’s star-formation rate (e.g. Gilfanov et al.
2004). Interestingly, both HMXBs and the hot ISM have a compa-
rable, observed soft-band (0.5–2 keV) luminosity per SFR:⇠ 8 and
5 ⇥10

38 erg s�1 M� yr�1, respectively (Mineo et al. 2012a,b).
However, their SEDs are dramatically different, as we discuss fur-
ther below. We also make the distinction between the intrinsic and

6 QSOs at z ⇠< 6 have been detected in X-rays (e.g. Brandt et al. 1999;
Fan et al. 1999), as well as galaxies at z ⇠< 4 through stacking analysis
(Basu-Zych et al. 2013).
7 We stress again that high-energy X-rays are unlikely to interact with the
IGM at redshift relevant for the 21cm signal, given their long mean free
paths. Hence the soft-band (⇠< 2 keV) SED and luminosity is more relevant
for predicting the 21cm signal.
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Note	
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  only	
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  energy	
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  a	
  
have	
  mean	
  free	
  path	
  longer	
  than	
  the	
  Hubble	
  length.	
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In	
  addi(on	
  to	
  the	
  first	
  sources,	
  the	
  
Cosmic	
  Dawn	
  also	
  tells	
  us	
  about	
  

physical	
  cosmology	
  	
  



Indirect	
  probes	
  of	
  DM	
  par(cles	
  
•  CDM	
  alterna(ves,	
  like	
  WDM,	
  predict	
  fewer	
  small-­‐mass	
  
halos	
  

	
  

•  DM	
  annihila(ons	
  can	
  drive	
  an	
  early,	
  uniform	
  hea(ng	
  

AND	
  

IGM	
  thermal	
  history	
  is	
  a	
  powerful	
  probe	
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But	
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But	
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Direct	
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low the free-streaming scale resulting on even tighter
constraints on mX .

The mass function in eq. 4 is computed after substi-
tuting eq. 1, with a power spectrum P(k) = PWDM(k)
determined by the WDM particle mass mX after eqs.
2-3 (for PCDM we adopt the form by Bardeen et al.
1986). The resulting mass functions are characterized
by a maximum value at masses close to the half-mode
mass (see Benson et al. 2012; Schneider et al. 2012,
2013; Angulo et al. 2013; Menci et al. 2016)

Mhm =
4⇡
3
⇢

"
⇡↵
⇣
2µ/5 � 1

⌘� 1
2µ

#3
. (5)

Correspondingly, the cumulative mass functions satu-
rate to a maximum value �mX (z) ⇡ �(Mhm(mX), z). The
dependence of the scale ↵ (eq. 3) on the WDM par-
ticle mass mX yields a half-mode mass ranging from
Mhm ⇡ 1010 M� for mX = 1 keV to Mhm ⇡ 108 M� for
mX = 4 keV.

3. Results

In fig. 1 we show the cumulative mass function
�(> M) computed from eq. 4 at z = 6 for different as-
sumed WDM particle masses, adopting recent Planck
cosmological parameters: ⌦m = 0.32, ⌦⇤ = 0.68,
⌦b = 0.05, h = 0.7, �8 = 0.83. All the mass functions
saturate to a maximum number density �mX

⇡ �(Mhm).
This is compared with the observed number density
�obs of galaxies with MUV  �12.5 corresponding to
the LFL16 LFs at z = 6 within 1-�, 2-�, and 3-�
(shaded areas). In order to derive the observed cu-
mulative number density �obs (and its confidence lev-
els) corresponding to the differential LFs �(MUV ) of
LFL16, we have used the values shown in their Fig.
10 with the corresponding 1-� uncertainties in each
magnitude bin. We produced Monte Carlo simulations
by extracting random values �random(MUV ) of the LF
in each magnitude bin according to a Gaussian distri-
bution with variance given by the error bar in LFL16.
Thus, for each simulation we produced a new realiza-
tion of the z = 6 LF. From this, a cumulative number
density �random has been derived by summing up the
values of �random(MUV ) in all the observed magnitude
bins in the range �22.5  MUV  �12.5. We car-
ried out Nsim = 107 simulations to compute the prob-
ability distribution function (PDF) of the cumulative
number density �random. We obtain a median value
log �obs/Mpc3 = 0.54, while from the relevant per-
centiles of the PDF we derive lower bounds 0.26, 0.01,

and -0.32 at 1, 2, and 3-� confidence levels, respec-
tively. We have checked that the median value of the
differential LF �random obtained from our simulations
is consistent (within 3%) with the best fit value of the
LFL16 luminosity function.

Fig. 1. The cumulative mass functions computed at z = 6 for dif-
ferent values of the WDM particle mass mX shown by the labels on
the right. The thickness of the lines represent the uncertainties in
the theoretical predictions related to the window function and to the
adopted fitting formula for the WDM power spectrum discussed in
sect. 2. The shaded areas correspond to the observed number den-
sity of galaxies with MUV  �12.5 within within 1-�, 2-�, and 3-�
confidence levels.

In Figure 2 we compare �obs and �mX
as a func-

tion of mX . Since luminous galaxies cannot outnumber
DM halos, the condition �obs  �mX

yields mX & 2.9
keV at 1-� level, mX � 2.4 keV at 2-� level, and
mX � 2.1 keV at 3-� level. Our constraints are the
tightest derived so far from galaxy counts. Although
these constraints are less stringent than the 2 � � limit
mX � 3.3 keV derived from the Lyman-↵ forest (Viel
et al. 2013), our limits are entirely independent of the
modelling of baryons physics which affects the con-
straints from the Lyman-↵ absorbers.
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Fig. 6.— Best results achieved by previous works constraining the �2(mK2) along with the addition of
this work. Previous results include data from GMRT (Paciga et al. 2013), MWA-32T (Dillon et al. 2014),
MWA-128 (Dillon et al. 2015), PAPER-32 (Parsons et al. 2014; Jacobs et al. 2015) and PAPER-64 (Ali et al.
2015)

The outliers may be a result of non-isotropic fore-
grounds which are not removed by the FRF or a
result of imperfectly removed crosstalk.

At z = 7.29, the data is only consistent with
noise at k � .4h Mpc�1 at a 2� level. The detec-
tions in this redshift bin range between 1.8� and
4� above k = .15h Mpc�1. The excess power does
not appear to be consistent with non-isotropic
foregrounds or residual crosstalk, however we still
show improvements over other data in the same
redshift bin.

We fit for the posterior distribution of a flat
power spectrum assuming a uniform prior on
�2(k) in the range [�1000, 1000] (mK)2. The
posterior distributions in Figure 5 display 1- and
2-� limits with blue and orange lines respectively.
The solid black line represents the expected limit
from the theoretical noise lines in Figure 4.

From the posterior distributions we report
2-� upper limits on �2(k) of (22.17 mK)2,
(21.08 mK)2, and (33.01 mK)2 at z = 10.87,
8.37 and 7.29 respectively. As in (Ali et al. 2015),
we report the upper limits on �2(k) even when
the posterior mean is inconsistent with zero at
> 2�. Since foregrounds necessarily provide posi-
tive power, our limits are still a conservative upper
bound.

4. Conclusion

Our analysis provides a marginal improvement
over the (22.4 mK)2 limit in (Ali et al. 2015) at
z = 8.34, and a small improvement (a factor of
⇠ 1.4) versus (Jacobs et al. 2015) at z = 7.29. The
greatest improvement we obtain is at z = 10.87 by
a factor of ⇠ 4 compared to (Jacobs et al. 2015)
and over 3 orders of magnitude in sensitivity com-
pared to (Dillon et al. 2014). A comparison of
recent upper limits on the 21cm power spectra is
shown in Figure 6.

The limits we report are the lowest in their re-
spective redshift bins. We plan to continue im-
provements with data from the 128-element de-
ployment of PAPER and with future data from the
Hydrogen Epoch of Reionization Array (HERA)
which will be the natural successor to PAPER
with a 331 element array. HERA’s improved sen-
sitivity, combined with PAPER’s proven experi-
mental techniques will provide new insights on the
evolution cosmic hydrogen.
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  extreme	
  models	
  with	
  no	
  hea(ng	
  (Ali+2015,	
  
Pober+2015,	
  Greig	
  &	
  AM	
  2015,	
  Zaroubi+	
  in	
  prep)	
  

Kolopanis+	
  in	
  prep	
  
Jacobs,	
  AM+	
  in	
  prep	
  



The	
  (me	
  is	
  now!	
  
•  1st	
  gen.	
  interferometers	
  are	
  already	
  taking	
  data,	
  
ruling-­‐out	
  extreme	
  models	
  with	
  no	
  hea(ng	
  (Ali+2015,	
  
Pober+2015,	
  Greig	
  &	
  AM	
  2015,	
  Zaroubi+	
  in	
  prep)	
  

•  2nd	
  gen.	
  interferometers,	
  HERA	
  &	
  SKA1,	
  are	
  coming	
  
in	
  the	
  next	
  few	
  years,	
  bringing	
  high	
  S/N	
  detec(ons	
  

first	
  19	
  of	
  planned	
  350	
  HERA	
  dishes	
   rendering	
  of	
  SKA1-­‐Low	
  



Conclusions	
  
•  We	
  now	
  know	
  roughly	
  when	
  reioniza(on	
  occurred,	
  but	
  do	
  not	
  know	
  

anything	
  about	
  the	
  astrophysical	
  sources	
  and	
  sinks.	
  
•  The	
  proper(es	
  of	
  sources	
  and	
  sinks	
  are	
  encoded	
  in	
  the	
  3D	
  EoR	
  

structure	
  à	
  21CMMC	
  will	
  allow	
  us	
  to	
  quan(fy	
  what	
  we	
  can	
  learn	
  
from	
  current	
  and	
  upcoming	
  21-­‐cm	
  interferometry	
  observa(ons	
  

•  The	
  21-­‐cm	
  signal	
  is	
  sensi(ve	
  also	
  to	
  the	
  thermal	
  state	
  of	
  the	
  gas	
  à	
  
Epoch	
  of	
  Hea(ng	
  (new	
  fron(er!!!)	
  	
  
–  The	
  redshid	
  (i.e.	
  frequency)	
  at	
  which	
  the	
  21-­‐cm	
  power	
  spectrum	
  is	
  at	
  its	
  peak	
  

tells	
  us	
  which	
  halos	
  hosted	
  the	
  first	
  sources	
  and	
  what	
  were	
  their	
  X-­‐ray	
  
luminosi(es.	
  

–  The	
  amplitude	
  of	
  this	
  peak	
  tells	
  us	
  about	
  the	
  X-­‐ray	
  SED	
  escaping	
  the	
  first	
  
galaxies:	
  type	
  of	
  source	
  (HMXBs,	
  hot	
  ISM)	
  +	
  absorp(on	
  within	
  the	
  host	
  galaxy.	
  

–  More	
  exo(c	
  hea(ng	
  scenarios	
  like	
  dark	
  ma9er	
  annihila(ons	
  can	
  leave	
  a	
  robust	
  
footprint	
  in	
  the	
  21cm	
  power	
  spectrum	
  by	
  suppressing	
  the	
  hea(ng	
  peak,	
  which	
  
can	
  occur	
  when	
  the	
  gas	
  is	
  in	
  emission	
  (you	
  cannot	
  reproduce	
  this	
  with	
  astro!).	
  

•  What	
  more	
  can	
  we	
  learn??	
  


